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Dark Matter experiments reached an incredible range of sensitivities
these last years. They are now able to probe large regions of parameter
space of the more popular extensions of the Standard Model (MSSM, KK
modes, extra dark forces). They even become competitive with LHC dis-
covery prospects. We try in this presentation to summarize the specific
characteristics of the most favored candidates (what?), the theoretical dif-
ficulties inherent to the calculation of their different detection rates (how?)
and the uncertainties related to their presence in our galaxy (where?).

PACS numbers: 11.30.Pb, 98.62.Gq, 98.80.Ft, 95.35.+d

1. Introduction

From the quoted contributions to Ω in matter and baryons from WMAP,
we can obtain the density of cold Dark Matter from the difference between
the total matter density and the baryon density [1]

ΩCDMh
2 = 0.1099± 0.0062 (1.1)

or a 2σ range of 0.0975–0.1223 for ΩCDMh
2.

Evidence for Dark Matter in the Universe is available from a wide range
of observational data. In addition to the results from the CMB, there is
the classic evidence from galactic rotation curves [2], which indicate that
nearly all spiral galaxies are embedded in a large galactic halo of Dark Mat-
ter leading to rather constant rotational velocities at large distances from
the center of the galaxy (in contrast to the expected v2 ∼ 1/r behavior
in the absence of Dark Matter). Other dramatic pieces of evidence can
be found in combinations of X-ray observations and weak lensing showing
the superposition of Dark Matter (from lensing) and ordinary matter from
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(1395)



1396 Y. Mambrini

X-ray gas [3] and from the separation of baryonic and Dark Matter after
the collision of two galaxies as seen in the Bullet cluster [4]. For a more
complete discussion see [5].

In addition to being stable (or at least very long lived), the Dark Mat-
ter should be both electrically and color neutral. Indeed, there are very
strong constraints, forbidding the existence of stable or long lived particles
which are not color and electrically neutral as these would become bound
with normal matter forming anomalously heavy isotopes. The limits on the
abundances, relative to hydrogen, of nuclear isotopes [6], n/nH <∼ 10−15 to
10−29 for 1 GeV <∼ m <∼ 1 TeV. A strongly interacting stable relic is ex-
pected to have an abundance n/nH <∼ 10−10 with a higher abundance for
charged particles.

Unfortunately, there are no viable candidates for Dark Matter in the
Standard Model. As baryons and neutrinos have been excluded, one is forced
to go beyond the Standard Model, and here, I will focus on the possibilities
which exist in the context of the minimal supersymmetric extension of the
Standard Model (MSSM) [7]. In the MSSM, the lightest supersymmetric
particle (LSP) is stable if R-parity (R = −13B+L+2s) is unbroken. There are
several possibilities in the MSSM, specifically the sneutrino with spin zero,
the neutralino with spin 1/2, and the gravitino with spin 3/2. However, a
sneutrino LSP would have relatively large coherent interactions with heavy
nuclei, and experiments searching directly for the scattering of massive Dark
Matter particles on nuclei exclude a stable sneutrino weighing between a few
GeV and several TeV [8]. The possible loophole of a very light sneutrino was
excluded by measurements of the invisible Z-boson decay rate at LEP [9].
The gravitino is a viable candidate and often predicted in models based
on supergravity [10, 11]. In this case, however, its probability for direct
detection is negligible.

2. What: The Dark Matter in the Universe

Several candidates appeared to conciliate WMAP data within the frame-
work of Standard Model extensions: extra-gauge bosons, extra-dimension
modes, scalar Dark Matter. But the most promising extension is the su-
persymmetric one which gives to the theoretician two valid candidates, the
neutralino and gravitino. We will review here each of their characteristics.

2.1. Neutralino Dark Matter

The Standard Model (SM) of high-energy physics, despite of its success
in explaining the data available today, requires an extension to explain the
stability of the hierarchy between the weak and the Planck scales, the unifi-
cation of gauge couplings and the origin of electroweak symmetry breaking.
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The most plebiscite extension of the model is the Minimal Supersymmetric
Standard Model (MSSM) [12–15]. It predicts the existence of several new
particles, the superpartners of SM ones. The lightest supersymmetric parti-
cle (LSP) is in most of the MSSM parameter space, a stable, massive, neutral
and weakly interacting particle: the lightest neutralino, which is thus an in-
teresting and well motivated Dark Matter candidate. On the other hand, at
future colliders such as the Large Hadron Collider (LHC) and the planned
International Linear e+e− Collider (ILC), supersymmetric particles are ex-
pected to be produced and observed if low energy Supersymmetry (SUSY)
is present in nature. However, even if part of the supersymmetric spectrum
is unveiled at the LHC for example, the properties of the particles which
play a dominant role in the relic density will not be measured directly or
precisely. Both types of data (from astroparticle and accelerator physics)
are thus needed to extract more complete properties of the underlying su-
persymmetric model [16].

The four neutralinos (χ0
1 ≡ χ, χ0

2, χ
0
3, χ

0
4,) are superpositions of the neu-

tral fermionic partners of the electroweak gauge bosons B̃0 and W̃ 0
3

(respectively the B-ino and W -ino fields) and the superpartners of the neu-
tral Higgs bosons H̃0

u, H̃0
d (respectively up and down Higgsinos fields). In

the (B̃, W̃ 3, H̃0
d , H̃

0
u) basis, the neutralino mass matrix is given by

MN = M1 0 −mZ cosβ sin θW mZ sinβ sin θW
0 M2 mZ cosβ cos θW −mZ sinβ cos θW

−mZ cosβ sin θW mZ cosβ cos θW 0 −µ
mZ sinβ sin θW −mZ sinβ cos θW −µ 0

,(2.2)
where M1, M2 are the bino and wino mass parameters, respectively. This
matrix can be diagonalized by a single orthogonal matrix z and we can
express the LSP χ (often referred in the following as the neutralino) as

χ = z11B̃ + z12W̃ + z13H̃d + z14H̃u . (2.3)

This combination determines the nature, the couplings and the phenomenol-
ogy of the neutralino. The neutralino is usually called “gaugino-like” if
P ≡ |z11|2 + |z12|2 > 0.9, “Higgsino-like” if P < 0.1, and “mixed” other-
wise.

Depending on the nature of the neutralino, the WMAP constraint can
be fulfilled essentially by bino-χτ̃ coannihilation processes if mχ ∼ mτ̃1 ,
χχ

A−→ bb̄ annihilation for large tanβ values or a light pseudoscalar A boson,
and χχ→ tt̄ for a sufficiently Higgsino-like neutralino. At the same time, a
non negligible wino component can enhance the annihilation process χχ→
W+W− and the χχ± and χ+χ− coannihilation ones (see Fig. 1).
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Fig. 1. Dominant neutralino annihilation diagrams. Relevant parts of the ampli-
tudes are shown explicitly. Terms between parenthesis correspond to fu and Z

final states in second and fourth diagrams. V and Z are chargino and neutralino
mixing matrices.

2.2. The gravitino Dark Matter

In scenarios with gravitino Dark Matter, the late decay of the Next to
Lightest Supersymmetric Particle (NLSP) into the LSP produces electro-
magnetic and hadronic showers. If the decay takes place after Big Bang Nu-
cleosynthesis (BBN), the products of these showers may alter the primordial
abundances of light elements [18]. Also, the late injection of electromagnetic
energy may distort the frequency dependence of the cosmic microwave back-
ground spectrum from its observed blackbody shape [19–21].

It has been shown that hadronic BBN constraints rule out the possibil-
ity of neutralino NLSP for gravitino masses above m3/2 & 100 MeV [22–25].
However, if the NLSP is the lightest stau τ̃1 we should also take into ac-
count bound-states effects on the primordial 6Li abundance. Indeed, it has
been shown [26] that bound-state formation of τ̃−1 with 4He can lead to an
overproduction of 6Li via the catalyzed BBN (CBBN) reaction 4He X− +
D → 6Li + X− [27]. Thus, the observationally inferred upper limit on the
primordial 6Li abundance [28] implies a stringent upper bound on the stau
NLSP lifetime

τeτ1 <∼ 5× 103 s . (2.4)
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A similar bound can be extracted using the same arguments to avoid over-
production of 9Be (see, e.g., [29, 30]). In the case of a stau NLSP decays,
the stau decays primarily to the gravitino and a τ lepton at tree level, via
gravitational interactions with a lifetime [31,32]

τ eτ1 ' Γ−1(τ̃1 → G̃τ) = 6.1×106
( m eG

100 GeV

)2
(

100 GeV
meτ

)5
(

1−
m2eG
m2eτ
)−4

s .

(2.5)
The relic abundance of gravitinos receives contributions from two differ-

ent sources. First, there is a non-thermal production (NTP) of gravitinos
in the late decays of the NLSP. Since each NLSP decays into one grav-
itino, the non-thermal relic abundance of the latter is related to that of the
NLSP [33,34]

ΩNTP
G̃

h2 =
m3/2

mNLSP
ΩTP

NLSPh
2 ∼ 0.02

( m3/2

100GeV

)(mNLSP

1 TeV

)
. (2.6)

Second, gravitinos are also thermally produced (TP) through scatterings in
the plasma, the resulting relic abundance being proportional to the reheating
temperature TR of the Universe after inflation [35,36]

ΩTP
G̃
h2 ' 0.32

(
100 GeV
m3/2

)( mg̃

1 TeV

)2
(

TR

107 GeV

)
. (2.7)

The total relic density is the sum of both contributions ΩG̃h
2 = ΩNTP

G̃
h2 +

ΩTP
G̃
h2, to which we apply the constraint extracted from theWMAP data [37].

The model studied in [38] is a nice example of mixed scenario with mixed
gravitino/neutralino Dark Matter.

3. How: Detection of the Dark Matter candidate

3.1. Direct detection

In spite of the experimental challenges, a number of efforts worldwide
are actively pursuing to directly detect WIMPs with a variety of targets
and approaches. Many direct Dark Matter detection experiments are now
either operating or in preparation. All these experiments measure the num-
ber N of elastic collisions between WIMPs and target nuclei in a detector,
per unit detector mass and per unit of time, as a function of the nuclear
recoil energy Er. The detection rate in a detector depends on the den-
sity ρ0 ' 0.3 GeV cm−3 and velocity distribution f(vχ) of WIMPs near the
Earth. In general, the differential event rate per unit detector mass and per
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unit of time can be written as:

dN

dEr
=
σχ−N ρ0

2m2
r mχ

F (Er)2

∞∫
vmin(Er)

f(vχ)
vχ

dvχ , (3.8)

where the WIMP-nucleus cross-section, σχ−N , is related to the WIMP-
nucleon cross-section, σχ−p, by σχ−N = σχ−p(Amr/Mr)2, withMr = mχmp

mχ+mp

the WIMP-nucleon reduced mass, mr = mχmN
mχ+mN

the WIMP-nucleus reduced
mass, mχ the WIMP mass, mN the nucleus mass, and A the atomic weight.
F is the form factor.

For the velocity distribution we take a simple Maxwellian halo

f(vχ) d3vχ =
1

(v0
χ)3π3/2

e−(vχ/v0
χ)2

d3vχ , (3.9)

where v0
χ = 220 ± 20 km/s is the velocity of the Sun around the galactic

center with its uncertainty, and we have neglected the motion of the Earth
around the Sun. After integrating over the angular part in order to find the
speed distribution we get:

f(vχ) dvχ =
4 v2

χ

(v0
χ)3
√
π
e−(vχ/v0

χ)2
dvχ . (3.10)

The integration over velocities is limited to those which can give place to
a recoil energy Er, thus there is a minimal velocity given by vmin(Er) =√

mN Er

2m2
r
.

The effective interaction between the WIMP and a nucleus is given by
the Woods–Saxon form factor

F (Er) =
3 j1(q R1)
q R1

e−(q s)2
, (3.11)

where the transferred momentum is q =
√

2mN Er, j1 is a spherical, first-
order Bessel function, R1 =

√
R2 − 5 s2 with R ' 1.2A1/3 fm, A is the mass

number, and s ' 1 fm.
In Fig. 2 we show an example of a signal with a standard neutron back-

ground in a XENON-like (100 kg) experiment, after 3 years of data acquisi-
tion, as a function of the recoil energy. For a WIMP mass of 100 GeV and
a WIMP-nucleon cross-section of 10−9 pb, such an experiment would reach
a pretty large χ2 per degree of freedom (χ2

red) , of the order of 60.
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Fig. 2. XENON event rate expectations for the case of differential rate versus
recoil energy of the nucleus for a WIMP mass mχ = 100 GeV and cross-section
σχ−p = 10−9 pb. The error bars shown are those expected for the XENON 100 kg
experiment after 3 years of observation. The lower (blue) line is the background-
only prediction. The χ2 per degree of freedom (χ2

red) is 59, giving a signal clearly
distinguishable from the background.

3.2. Indirect detection of gamma-rays

The spectrum of gamma-rays generated in Dark Matter annihilations
and coming from a direction forming an angle ψ with respect to the galactic
center is

Φγ(Eγ , ψ) =
∑
i

dN i
γ

dEγ
Bri〈σv〉

1
8πm2

χ

∫
line of sight

ρ2 dl , (3.12)

where the discrete sum is over all Dark Matter annihilation channels, dN i
γ/dEγ

is the differential gamma-ray yield, 〈σv〉 is the annihilation cross-section av-
eraged over its velocity distribution, Bri is the branching ratio of annihila-
tion into final state i, and ρ is the Dark Matter density.

It is customary to rewrite Eq. (3.12) introducing the dimensionless quan-
tity J (which depends only on the Dark Matter distribution):

J(ψ) =
1

8.5 kpc

(
1

0.3 GeV/cm3

)2 ∫
line of sight

ρ2(r(l, ψ)) dl . (3.13)
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After having averaged over a solid angle, ∆Ω , the gamma-ray flux can now
be expressed as

Φγ(Eγ) = 0.94× 10−13 cm−2 s−1 GeV−1 sr−1

×
∑
i

dN i
γ

dEγ

(
Bri〈σv〉

10−29cm3s−1

)(
100 GeV
mχ

)2

J(∆Ω)∆Ω . (3.14)

The value of J(∆Ω)∆Ω depends crucially on the Dark Matter distribution.
The most common parametrization of the different profiles that have been
proposed in the literature is

ρ(r) =
ρ0[1 + (R0/a)α](β−γ)/α

(r/R0)γ [1 + (r/a)α](β−γ)/α
, (3.15)

where ρ0 is the local (solar neighborhood) halo density, a is a characteristic
length, and R0 the distance from the Sun to the galactic center. As men-
tioned above, we use ρ0 = 0.3 GeV/cm3, but recent analysis [39] showed
that a factor 2 of uncertainty exists on its precise determination.

N -body simulations suggest a cuspy inner region of Dark Matter halo
with a distribution where γ generally lies in the range 1 (NFW profile [40]) to
1.5 (Moore et al. profile [41]), producing a profile with a behavior ρ(r) ∝ r−γ
at small distances. Over a solid angle of 4× 10−3 sr, such profiles can lead
from J(∆Ω) ∼ 5.859×102 to 2.574×104. Moreover, if we take into account
the baryon distribution in the Galaxy, we can predict even more cuspy pro-
files with γ in the range 1.45 to 1.65 (J(∆Ω) ∼ 3.254 × 104 − 3.075 × 105)
through the adiabatic compression process (see the study of Refs. [42, 43]).
We summarize the parameters used in our study and the values of J for
each profile in Table I. The calculation is obviously not altered whatever
DM candidate is assumed and is therefore valid for an arbitrary WIMP.
A monochromatic line can also be generated by DM annihilation and ob-
served at FERMI telescope [45].

TABLE I

NFW and Moore et al. density profiles without and with adiabatic compression
(NFWc and Moorec, respectively) with the corresponding parameters, and values
of J̄(∆Ω).

a (kpc) α β γ J̄(4× 10−3sr)

NFW 20 1 3 1 5.859× 102

NFWc 20 0.8 2.7 1.45 3.254× 104

Moore et al. 28 1.5 3 1.5 2.574× 104

Moorec 28 0.8 2.7 1.65 3.075× 105
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3.3. Indirect detection of antiprotons

Antiprotons can be produced either by Dark Matter annihilations or
through different kinds of astrophysical mechanisms. After being produced
they propagate in the Galaxy and reach the Earth, where they can be de-
tected as exotic components in cosmic rays. The PAMELA experiment re-
ported recently [46] the measurement of the antiproton to proton flux ratio
up to 100 GeV, which is in agreement with that predicted by the conven-
tional background model. In the near future, the AMS-02 experiment, to be
launched next year, will measure the antiproton flux with even higher pre-
cision, increasing the odds of finding an additional component due to Dark
Matter annihilations.

3.3.1. Propagation

Once produced, antiprotons propagate throughout the galaxy undergoing
several processes:

• They scatter on irregularities of the galactic magnetic field — Alfvén
waves. These scatterings constitute, in fact, a space diffusion process
with a diffusion coefficient given by

K(Ekin) = K0βp̄

( pp̄
GeV

)δ
, (3.16)

where Ekin is the antiproton kinetic energy, pp̄ = (E2
kin + 2mp̄Ekin)1/2

is the antiproton momentum, and βp̄ =
(

1− m2
p̄

(Ekin+mp̄)2

)1/2

. K0 and
δ are free parameters of the propagation model that are constrained
by a combination of theoretical predictions and astrophysical data.

• They undergo a second order Fermi mechanism reacceleration, due to
the motion of the scattering centers with a velocity of Va≈(20–100)km

s .
This reacceleration process is described by the coefficient

KEE =
2
9
V 2
a

E2β4

K(E)
. (3.17)

• They lose energy either adiabatically, or through Coulomb scattering,
or by ionizing the interstellar (IS) medium. The total energy loss rate
is denoted by b and depends on the antiproton energy.

• They are wiped away from the galactic disk through convection, with
a velocity Vc≈ (5–15)km

s . In the following, this velocity will be taken
to be completely vertical to the disk: Vc = Vcsign(z).
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• They can annihilate upon scattering on the IS medium. In this study,
we shall consider the two primary components of the medium, namely
Hydrogen and Helium. The annihilation cross-sections for p̄–H and
p̄–He scattering have been taken from [47], where the well-known
Tan&Ng parametrization [48] is used.

The propagation of antiprotons in the interstellar medium, taking into ac-
count all of the above processes, is described by a diffusion-convection equa-
tion of the form

∂z(Vcψ)−K∇ψ + ∂E [b(E)ψ −KEE(E)∂Eψ] = q , (3.18)

where we denote by ψ = dn/dE the energy density of the antiprotons,
and by q the source term — see equation (3.22). Actually, this equation is
rather generic and can be applied to other particles species propagating in
the galaxy. Only the values of the different parameters, but not the equa-
tion itself, will vary depending on the propagating particle. We will see in
Section 3.4, for instance, that this same equation describes the propagation
of positrons in the interstellar medium. Let us now see how to solve this
equation for antiprotons.

3.3.2. The primary flux

To solve equation (3.18), we shall use the method proposed, for exam-
ple, in [49, 50, 53]. The idea of this method is to adopt a simpler version of
equation (3.18) for which the Green function can be calculated analytically.
To achieve such simplification, certain processes contributing to the final
antiproton spectrum have to be neglected. Specifically, all energy redistri-
butions in the initial (injection) spectrum — energy losses, reacceleration, as
well as “tertiary” contributions (i.e. contributions from secondary antipro-
tons produced upon inelastic scattering with the IS medium) — are ignored.
Whether these redistributions are important or not depends mainly on the
antiproton energy. For GeV energies, the results may deviate up to 50%
from those obtained with the (more complete) Bessel function treatment —
in [54] a comparison between the two methods can be found (see Fig. 2).
But for energies around 10 GeV, the accuracy of the method improves
dramatically, yielding essentially indistinguishable results at slightly higher
energies. Since the p̄ energy region we shall consider begins at 10 GeV, we
can safely use this simplified approach. Apart from its clearer physical in-
terpretation, the main advantage of this method is that astrophysical effects
can be separated from particle physics ones. As a result, it is a well-suited
method for scans in parameter spaces, as those we are going to carry out in
the following.
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If we denote by Γ ann
p =

∑
ISM nISMvσ

ann
p ISM the destruction rate of antipro-

tons in the ISM, where ISM = H, He, and implementing the aforementioned
simplifications, the transport equation for a point source (which actually
defines the propagator G) is:[

−K∇+ Vc
∂

∂z
+ 2hΓtotδ(z)

]
G = δ(~r − ~r′) . (3.19)

The antiproton propagator can then be written as

G�p (r, z) =
e−kvz

2πKL

∞∑
n=0

c−1
n K0(r

√
k2
n + k2

v) sin(knL) sin(kn(L− z)) , (3.20)

where K0 is a modified Bessel function of the second kind and

cn = 1− sin(knL) cos(knL)
knL

,

kv = Vc/(2K) ,
kd = 2hΓ ann

p /K + 2kv , (3.21)

with h = 100 pc being the half thickness of the galactic disc, and L being
the half-thickness of the diffusive zone. kn is obtained as the solution of the
equation

nπ − knL− arctan(2kn/kd) = 0 , n ∈ N .

Then, in order to compute the flux expected on earth, we should convolute
the Green function (3.20) with the source distribution q(~r,E). For Dark
Matter annihilations in the galactic halo, the source term is given by

q(~r,E) =
1
2

(
ρ(~x)
mχ

)2∑
i

(
〈σv〉

dN i
p̄

dEp̄

)
, (3.22)

where the index i runs over all possible annihilation final states. The decay of
SM particles into antiprotons can be calculated with programs like PYTHIA
[57]. In the singlet scalar model of Dark Matter, antiprotons may originate in
W±, Z0, h, and t decays. Regarding the distribution of Dark Matter in the
Galaxy, ρ(~x), we assume a NFW profile with a local density of 0.3 GeVcm3.
The final expression for the antiproton flux on the Earth takes the form

Φ p̄
�(Ekin) =

cβ

4π
〈σv〉

2

(
ρ(~x�)
mχ

)2 dN

dE
(Ekin)

∫
DZ

(
ρ( ~xs)
ρ(~x�)

)2

G�p (~xs)d3x ,

(3.23)
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where none of the integrated quantities depends on the antiproton energy.
This feature demonstrates one of the virtues of the Green function method
applied to antiprotons: The integral in equation (3.23), which we compute
using a VEGAS Monte-Carlo algorithm, needs to be calculated only once for
each value of the injection energy, for it is the same as the detection energy.

Regarding the propagation parameters L,K0, δ, and Vc, we take their val-
ues from the well-established MIN, MAX and MED models — see Table II.
The former two models correspond to the minimal and maximal antiprotons
fluxes that are compatible with the B/C data. The MED model, on the
other hand, correspond to the parameters that best fit the B/C data.

TABLE II

Values of propagation parameters widely used in the literature and providing min-
imal and maximal antiproton fluxes, or constitute the best fit to the B/C data.

L (kpc) K0(kpc2/Myr) δ Vc(km/s)

MIN 1 0.0016 0.85 13.5
MED 4 0.0112 0.70 12.0
MAX 15 0.0765 0.46 5.0

3.3.3. Influence of substructures

N -body simulations reveal that galactic halos are not completely smooth;
they also contain a significant number of substructures (clumps). Such sub-
structures have been studied repeatedly in the literature as a possible way to
enhance the Dark Matter annihilation rate. It has been claimed though, that
in realistic scenarios it is rather improbable to expect large enhancements
from Dark Matter clumps [49]. Here, we will study rather qualitatively the
possible effect of substructures on the antiproton (and positron) signal.

To that end, we closely follow the approach outlined in [50]. The en-
hancement due to Dark Matter substructure is described by an energy-
dependent function known as the boost factor B. Because the distribution
of Dark Matter clumps in the Galaxy is unknown, B cannot be computed
from first principles; it can only be studied from a statistical point of view.
For simplicity, we will limit our discussion to the effective boost factor, Beff ,
defined as the average value of B over a large number of realizations of the
Galactic halo. It must be kept in mind, however, that in some exceptional
cases — for example when there is a large Dark Matter clump very close to
the Earth — Beff can deviate significantly from B. The probability of such
an event is quite small [52].
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The energy-dependent effective boost factor, Beff , can be written, under
certain assumptions (see [50]), as

Beff ≡
〈φ〉
φsm

= (1− f)2 + fBc
I1

I2
, (3.24)

where 〈φ〉 is the average flux coming from the clumpy DM distribution, φsm

is the flux that we would expect if the whole halo were smooth, f is the
fraction of DM in clumps, and Bc is the boost factor (assumed constant
with energy) for an individual clump. In this study, this constant boost
factor is supposed to be universal for all clumps. Finally, In=1,2 are given
by

In =
∫

DM halo

G(~x,E)
(
ρsm(~x)
ρ0

)n
d3~x . (3.25)

The effective boost factor, then, depends on f and Bc. When invoking
clumpiness, we will follow [50] and use f = 0.2 as a representative value (see
e.g. [55,56]). Regarding the constant boost factor, Bc, it could vary from just
a few up to two orders of magnitude [49,51,56]. We will use Bc = 3, 10, 100,
which give rise to effective boost factors in the approximate ranges (1, 2),
(3, 5) and (10, 40) respectively. This last range roughly coincides with the
upper limit for the boost factor found in [49], for the case of a NFW smooth
halo and clumps with a Moore et al internal profile.

3.4. Indirect detection of positrons

We now discuss the positron signal from singlet Dark Matter annihila-
tion, carrying out an analysis similar to that presented for antiprotons in
the previous section.

3.4.1. Propagation

There have been many treatments on the propagation of positrons
throughout the galactic medium. In this paper, we adopt the two-zone
diffusion model and solution described in [50]. For completeness, we review
here the main points of this approach.

Being a diffusive process, positron propagation is governed by the same
general equation, (3.18), that describes antiproton propagation. The ap-
proximations and the parameters that were used for antiprotons, however,
are not the same as for positrons. Indeed, contrary to the p case, where
energy redistribution processes become inefficient above a few GeV, energy
loss — through either synchrotron radiation or inverse Compton scattering
on stellar light and CMB photons — is the main process involved in positron
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propagation. These processes lead to an energy loss rate that can be written
as

b(E) =
E2

E0τE
, (3.26)

where E is the positron energy, E0 is a reference energy (which we take to
be 1 GeV) and τE = 1016s is the characteristic energy-loss time.

The other important difference with respect to antiprotons is that for
positron propagation the effect of the galactic convective wind, as well as
reacceleration and annihilation processes can all be neglected. After these
simplifications are taken into account, we are left with the following equation

∂tψ −∇ [K(x,E)∇ψ]− ∂E [b(E)ψ] = q(x,E) , (3.27)

where K is the space diffusion coefficient — steady state is assumed. This
coefficient is taken to be constant in space but depends on the energy as

K(E) = K0

(
E

E0

)α
. (3.28)

Here the diffusion constant, K0, and the spectral index, α, are propaga-
tion parameters. Then, the master equation for positron propagation gets
simplified to its final form

K0ε
α 4 ψ +

∂

∂ε

(
ε2

τE
ψ

)
+ q = 0 , (3.29)

where ε = E/E0. This is the equation we solve to calculate the effects of
positron propagation on a signal produced at some point in the galaxy.

As in the case of antiprotons, a crucial factor in the treatment of positron
propagation is the adopted propagation model. In this case there are mainly
3 relevant parameters, namely L, K0 and α; that is, the half-thickness of
the cylindrical diffusive zone, the diffusion constant and the spectral index,
respectively. For their values we use the three models described in Table III.

TABLE III

Values of propagation parameters widely used in the literature and roughly pro-
viding minimal and maximal positron fluxes, or constitute the best fit to the B/C
data.

L (kpc) K0(kpc2/Myr) α

MIN 1 0.00595 0.55
MED 4 0.0112 0.70
MAX 15 0.0765 0.46
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3.4.2. The primary flux

The resulting positron flux from DM annihilations can be written as
(see [60] for details)

Φe+(E) =
βe+

4π
〈σv〉

2

(
ρ(~x�)
mχ

)2 τE
E2

mχ∫
E

f(Es)Ĩ(λD)dEs , (3.30)

where the detection and the production energy are denoted respectively
by E and Es. f(Es) is the production spectrum for positrons, f(Es) =∑

i dN
i
e+/dEs, with i running over all possible annihilation channels. The

diffusion length, λD, is defined by

λ2
D = 4K0τE

(
Eα−1 − Eα−1

s

1− α

)
. (3.31)

The so-called halo function, Ĩ, contains all the dependence on astrophysical
factors. It is given as

Ĩ(λD) =
∫
DZ

d3~xsG̃(~x�, E → ~xs, Es)
(
ρ(~xs)
ρ(~x�)

)
. (3.32)

The modified Green function G̃ is in its turn defined by

G̃ =
1

4πK0τ̃
e−(z�−zs)2/4K0τ̃ Ṽ , (3.33)

with Ṽ depending on the value of the characteristic parameter ζ = L2

K0τ̃
.

When ζ > 1 — when the diffusion time is small — boundary conditions
can be ignored and the propagation equation can be treated as a 1-D
Schroedinger equation. In that case

Ṽ =
1√

4πK0τ̃
exp

(
−(z − zs)2

4πK0τ̃

)
. (3.34)

When ζ is small this approximation no longer holds but we can express Ṽ
as

Ṽ =
∞∑
n=1

1
L

[
e−λnτ̃φn(zs)φn(z) + e−λ

′
nτ̃φ′n(zs)φ′n(z)

]
, (3.35)

where

φn(z) = sin(kn(L− |z|)) , kn =
(
n− 1

2

)
π

L
, (3.36)

φ′n(z) = sin(k′n(L− z)) , k′n =n
π

L
. (3.37)
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An example of the influence of the propagation modes in the DM detec-
tion prospects can be found in [64], whereas a model independant comple-
mentary search between all these detections modes is analysed in [65].

4. Where: The halos models

A crucial ingredient for the calculation of the flux of gamma rays and
antimatter propagation is the Dark Matter density profile of our galaxy. The
different profiles that have been proposed in the literature can be parame-
terised as [66]

ρ(r) =
ρ0[1 + (R0/a)α](β−γ)/α

(r/R0)γ [1 + (r/a)α](β−γ)/α
, (4.38)

where ρ0 is the local (solar neighborhood) halo density and a is a character-
istic length. Highly cusped profiles are deduced from N -body simulations1.
In particular, NFW [40] obtained a profile with a behaviour ρ(r) ∝ r−1 at
small distances. A more singular behaviour, ρ(r) ∝ r−1.5, was obtained by
Moore et al. [41]. However, these predictions are valid only for halos with-
out baryons. One can improve simulations in a more realistic way by taking
into account the effect of the normal gas (baryons). This loses its energy
through radiative processes falling to the central region of forming galaxy.
As a consequence of this redistribution of mass, the resulting gravitational
potential is deeper, and the Dark Matter must move closer to the center
increasing its density.

This increase in the Dark Matter density is often treated using adia-
batic invariants. The present form of the adiabatic compression model was
numerically and analytically studied by Blumental et al. [68]. This model as-
sumes spherical symmetry, circular orbit for the particles, and conservation
of the angular momentum M(r)r = const., where M(r) is the total mass
enclosed within radius r. The mass distributions in the initial and final con-
figurations are therefore related byMi(ri)ri = [Mb(rf )+MDM(rf )]rf , where
Mi(r),Mb(r) andMDM(r) are the mass profile of the galactic halo before the
cooling of the baryons (obtained through N -body simulations), the baryonic
composition of the Milky Way observed now, and the to be determined Dark
Matter component of the halo today, respectively. This approximation was
tested in numerical simulations [69,70]. Nevertheless, a more precise approx-
imation can be obtained including the possibility of elongated orbits [42]. In
this case, the mass inside the orbit, M(r), is smaller than the real mass, the
one the particle ‘feels’ during its revolution around the galactic center. As a
consequence, the modified compression model is based on the conservation

1 For analytical derivations see e.g. the recent work [67], and references therein.
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of the product M(r)r, where r is the averaged radius of the orbit. The time
average radii is given by x ∼ 1.72x0.82/(1 + 5x)0.085, with x ≡ r/rs, and rs
the characteristic radius of the assumed approximation.

The results are summarized in Table IV. There we label the resulting
NFW and Moore et al. profiles with adiabatic compression by NFWc and
Moorec, respectively. As one can see, at small r the Dark Matter density
profile following the adiabatic cooling of the baryonic fraction is a steep
power law ρ ∝ r−γc with γc ≈ 1.45(1.65) for a NFWc(Moore c) compressed
model2. We observe for example that the effect of the adiabatic compression
on a NFW profile is basically to transform it into a Moore et al. one (see
Table IV). Let us remark that NFW and Moore et al. profiles can be consid-
ered as a lower and upper limit, respectively. For example, the one recently
proposed by Diemand, Moore and Stadel in Ref. [71], where ρ(r) ∝ r−1.16,
is between both ‘standard’ profiles. It is worth noticing than some mecha-
nisms can be advocated to reduce the effect of the compression like angular
momentum transfer to Dark Matter or formation of the central black hole
by spiraling and merging of two black holes.

TABLE IV

NFW and Moore et al. density profiles without and with adiabatic compression
(NFWc and Moore c respectively) with the corresponding parameters, and values
of J̄(∆Ω).

a (kpc) α β γ J̄(10−3sr) J̄(10−5sr)

NFW 20 1 3 1 1.214× 103 1.264× 104

NFWc 20 0.8 2.7 1.45 1.755× 105 1.205× 107

Moore et al. 28 1.5 3 1.5 1.603× 105 5.531× 106

Moorec 28 0.8 2.7 1.65 1.242× 107 5.262× 108

Of course, these results have important implications for the computa-
tion of the gamma-ray fluxes from the galactic center. In particular, in
Table IV we see that for ∆Ω = 10−3 sr one has J̄NFWc/J̄NFW ' 145 and
J̄Moorec/J̄Moore et al. ' 77. Thus the effect of the adiabatic compression is
very strong, increasing the gamma-ray fluxes about two orders of magni-
tude. Similarly, for ∆Ω = 10−5 sr one obtains J̄NFWc/J̄NFW ' 953 and
J̄Moore c/J̄Moore et al. ' 95. More refine treatments of Dark Matter annihila-
tion effects in the innermost region of the galaxy can be found in [73,74].

2 It is worth noticing that we obtain the same order of magnitude as the authors of
Ref. [73].
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5. Conclusions

We saw in this mini-review how theoretically complicated can be the de-
tection of Dark Matter. A lot of uncertainties still exist: from the N -body
simulation for the indirect detection of gamma rays, to the quarks-components
of the proton for the direct detection, and the propagation parameters of cos-
mic rays for the anti-matter signals. From the model building, the task is
also difficult as we need to embed the local relic abundance of Dark Matter
into a coherent thermal history of the the Universe where still a lot have to
be understood. All these dark points push us forward to find the solution
to such a fascinating puzzle.

Y. Mambrini wants to thank the organizer for having him discovered
such a nice city as Kraków, and the nice and very competent community
of Polish particle physicists. The work of Y. Mambrini is supported by the
European Network MRTN-CT-2006-035505 and the French ANR TADPMS.
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